We present hydrodynamic simulations of self-gravitating dense gas in a galactic disk, exploring scales ranging from 1 kpc down to ∼ 0.1 pc. Our primary goal is to understand how dense filaments form in Giant Molecular Clouds (GMCs). These structures, often observed as Infrared Dark Clouds (IRDCs) in the Galactic plane, are thought to be the precursors to massive stars and star clusters, so their formation may be the rate limiting step controlling global star formation rates in galactic systems as described by the Kennicutt-Schmidt relation. Our study follows on from Van Loo et al. (2013, Paper I), which carried out simulations to 0.5 pc resolution and examined global aspects of the formation of dense gas clumps and the resulting star formation rate. Here, using our higher resolution, we examine the detailed structural, kinematic and dynamical properties of dense filaments and clumps, including mass surface density (Σ) probability distribution functions, filament mass per unit length and its dispersion, lateral Σ profiles, filament fragmentation, filament velocity gradients and infall, and degree of filament and clump virialization. Where possible, these properties are compared to observations of IRDCs. By many metrics, especially too large mass fractions of high Σ > 1 g cm
INTRODUCTION
Stars form from molecular clouds in the interstellar medium (ISM), especially giant molecular clouds (GMCs) (McKee & Ostriker 2007 [MO07] ; Tan et al. 2013) . The rate of star formation appears to be relatively inefficient compared to that derived from collapse of the clouds at the free-fall rate (Zuckermann & Evans 1974; Krumholz & Tan 2007) . Part of the reason for this may be the high degree of clustering of star formation within GMCs in regions with A V 10 mag (Lada et al. 2010; Heiderman et al. 2010; Gutermuth et al. 2011) . Studying the formation of the dense substructures within molecular clouds is thus crucial for a more complete understanding of the star formation process.
Observationally, these dense substructures have been studied by: various molecular line tracers, such as 13 CO (e.g., Jackson et al. 2006) , HCO + (e.g., Barnes et al. 2011) , and N 2 H + (e.g., Henshaw et al. 2013 ); sub-mm and mm dust continuum emission (e.g., Rathborne et al. 2006; Ginsburg et al. 2012) ; and mid-infrared extinction (e.g., Butler & Tan 2009 Peretto & Fuller 2009) 
of Infrared Dark Clouds (IRDCs).
Theoretically, we expect gravitational collapse within molecular clouds to be mediated by support from some combination of turbulence, magnetic fields and stellar feedback (MO07). Some examples of recent work studying dense gas formation include set-ups of internal GMC converging flows (Chen & Ostriker 2014) , global turbulent clouds (Smith et al. 2014) , periodic box turbulence (Moeckel & Burkert 2014) , and formation of GMCs from converging atomic flows (Heitsch et al. 2009; Gomez & Vazquez-Semadeni 2014) .
Our approach differs from these previous studies by setting the boundary conditions for GMCs from a galactic environment affected by global galactic dynamics. Tasker & Tan (2009, hereafter TT09) carried out hydrodynamic simulations of an idealized axisymmetric, flat rotation curve galaxy to resolve the formation and interaction of GMCs (see also Dobbs 2008; Bournaud et al. 2010; Renaud et al. 2013) . Their mutual interactions lead to a supersonic velocity dispersion of the clouds and frequent collisions that drive turbulence in the gas. In order to understand the star formation process within molecular clouds, a significant range of the cloud's internal structure then needs to be resolved, ranging from the GMC-scale down to the ∼ 1 pc scale clumps thought to represent the initial conditions of star cluster formation. Van Loo et al. (2013, hereafter Paper I) followed a 1 kiloparsec-square patch of the TT09 disk (extended vertically for ±1 kpc) down to a resolution of 0.5 pc for a period of 10 Myr. Star formation was introduced in gas above a threshold "clump" density of n H = 10 5 cm −3 and at a star formation efficiency per local free-fall time of ǫ ff = 0.02. The star particles created, with a minimum mass of 100 M ⊙ representing clusters or subclusters of stars, were prevented from accreting additional gas. Nor was local feedback from these star particles implemented. In spite of the relatively low value of ǫ ff , the overall SFR seen in the simulation was much, ∼ 100 times, larger than in observed galaxies with similar total mass surface densities of gas (e.g., Bigiel et al. 2008 ). This was due in part to the much higher mass fractions of gas at "GMC" and "clump" densities than in real galaxies: about 70% of the gas was within "GMCs" (at n H ≥ 10 2 cm −3 ), and of this about 50% was also above the clump threshold density. In Paper I, we speculated that inclusion of magnetic fields and/or local feedback from young stars is needed to resolve this discrepancy.
Our goal in this paper is to follow the evolution of the GMCs and the formation of dense filaments and clumps to higher spatial resolution, 0.122 pc. This is carried out with the same physics as modeled in Paper I, namely pure hydrodynamics of self-gravitating gas (magnetic fields and stellar feedback are deferred to future papers). The rationale is to be able to carry out more detailed characterization of the stucture, kinematics and dynamics of forming dense gas structures for comparison with Galactic IRDCs, which, being at very early stages of their star formation, are probably relative unaffected by local stellar feedback. Our particular focus is on the properties of long, ∼ 50 pc, filaments that form from the collapsing GMCs. We measure various properties of simulated filaments and compare to similarly long filaments, recently discovered, including as IRDCs, in the Galactic interstellar medium (e.g., Jackson et al. 2010; Ragan et al. 2014) .
These nonmagnetic, zero-feedback simulations should thus be regarded as a baseline calculations from which we can then determine how much, if any, suppression of collapse is needed from magnetic fields (and stellar feedback) to more accurately represent the observed structure and dynamics of dense, star-forming filaments and clumps.
In §2 we describe our methods and numerical set-up. In §3 and §4 we describe our results. In §5 we conclude.
METHODS AND NUMERICAL SET-UP
For our initial conditions, we use the same 1 kpc 2 patch (x-y coordinates describe location in the disk plane) studied in Paper I, that is centered at a galactocentric radius of 4.25 kpc (the galactic center is 4.25 kpc away from the patch center in the negative x direction and at the same y value) and extending to z = ±1 kpc, above and below the disk. This patch was extracted from the global galaxy simulation of TT09 after a time when the disk was largely fragmented into a population of GMCs (see left column of Figure 1 ). As in Paper I, the velocity field is transformed to the frame of the circular velocity of 200 km/s at the center of the box. Periodic boundary conditions are applied at the x − z faces of box and outflow boundary conditions at the other faces. A fixed background potential is applied to represent the vertical distribution of galactic stars and dark matter to match the potential used by TT09. Note, this set-up is not that of a shearing box (e.g., Coriolis forces are neglected), but the effects of this approximation are expected to be quite small since the total time span that is followed is relatively short compared to a flow crossing time across the box.
Paper I followed the evolution of this region for 10 Myr with a maximum resolution of 0.49 pc, but, to resolve structures on the scale of individual star-forming clumps, higher resolution is needed. The following simulations contain 6 levels of AMR on top of the original 7.8 pc base grid resolution of the TT09 simulation. The maximum resolution is then 0.122 pc, i.e., four times better than in Paper I.
We include heating and cooling functions derived using the photodissociation code Cloudy (version 8; Ferland et al. 1998) , as in Paper I. These functions are able to treat gas at temperatures as low as 5 K (and up to ∼ 10 5 K and beyond). These functions include both atomic and molecular line cooling processes, including from H 2 and CO, among others. A table of heating and cooling rates for a range of densities and temperatures was generated based on the density versus mean extinction relationship derived in Paper I. For temperatures above T = 10 5 K, we opt to use the cooling curve of Sarazin & White (1987) and set the heating rate to zero. For densities and temperatures above or below the limits of the table, we use the limiting rate. For more details on the derivation of this function, see Paper I.
Since our focus is on the dense, molecular gas, we adopt a fixed mean particle mass of µ = 2.33m H = 3.90 × 10 −24 g, i.e., assuming n He = 0.1n H . Thus the sound speed is c th = (γP/ρ) 1/2 , which implies an adiabatic sound speed c th = (5kT /[3µ]) 1/2 → 0.243(T /10 K) 1/2 km s −1 . Our use of this fixed value of µ means that the pressures of the regions of our simulation that correspond to atomic regions are smaller in our simulation by a factor of 1.83 than they would be in reality.
We present the results of two separate simulation runs. The first run, Run nSF, includes all the above processes at a maximum resolution of 0.122 pc. In the second run, Run SF, we utilize a simple recipe for star formation, which converts a fixed percentage of gas mass per free-fall time into star particles if a cell exceeds a particular threshold density. We choose a value for the star formation efficiency per local free-fall time, ǫ ff = 0.02 (Krumholz & Tan 2007) . As in Paper I, we do not resolve individual star-forming cores, so no requirements for the gas to be converging or to be gravitationally bound are imposed. When a cell exceeds the threshold density, a star particle is formed whose mass is calculated by
where ρ is the gas density, ∆x 3 the cell volume, ∆t the numerical time step, and t ff the free-fall time of gas in the cell (evaluated as t ff = (3π/32Gρ) 1/2 with a mean molecular weight of µ = 2.33). We use a threshold density of n H = 10 6 cm −3 and a minimum star particle mass of 10 M ⊙ . If M * < M min , then a particle is formed stochastically with a probability M * /M min . At the threshold density, the minimum gas mass in the cell is M * ,min = 63 M ⊙ . Note that the threshold density is higher and minimum star particle mass smaller compared to Paper I, because of the higher grid resolution. The star particles are treated as collisionless particles whose motions are governed by pure N-body calculations, and do not gain any mass once they are formed.
The focus of this study is the collapse of GMCs to form filaments and the fragmentation of these filaments to form dense star-forming clumps. Considering the time scales on which these processes occur, we run the simulations for 4 Myr using the adaptive mesh refinement hydrodynamics code Enzo 2.0 (Bryan & Norman 1997 , O'Shea et al. 2004 . After this time, the clouds have undergone significant fragmentation and formed a large number of small pcscale clumps in several filaments (see Figure 1 ). In the run with star formation a large number of star particles has been created. The presence of a large number of dense gas and stellar structures makes continued calculation of the simulation very memory intensive, slow and inefficient. Since continued evolution is not necessary for us to achieve our scientific goals of studying the initial stages of star formation and since other physics due star formation feedback is not yet included in these models, we do not attempt to follow the evolution beyond 4 Myr.
We note that the Zeus solver (Stone & Norman 1992) , rather than a Godunov solver, has been used for these simulations. This introduces relatively large heating rates due to numerical viscosity, but makes the calculation more numerically stable. We have also carried out simulation runs at the 0.5 pc resolution with this same solver for comparison. Figure 1 shows the mass surface density, Σ, of the initial conditions (left column) and after 4 Myr of evolution of Run nSF (middle column) and Run SF (right column) as seen along the cardinal axes. The mean locations of the GMCs do not change much over this relatively short timespan, given the clouds' initial simulation-frame x-y-plane velocities of ∼ 20 km s −1 that are a mixture of the shearing velocity field of galactic rotation and the peculiar motions imparted by gravitational scattering interactions from prior evolution in the TT09 simulation. Note that these motions correspond to Mach numbers of about 100 for gas that has been able to cool to ∼ 10 K.
GLOBAL PROPERTIES OF THE ISM AND STAR FORMATION
After 4 Myr, the clouds are seen to have collapsed to form filamentary structures and more spheroidal clumps. The overall morphology of these gas structures is very similar between the nSF and SF runs. The main difference is seen in the peak Σ values, with the SF run having lower values due to conversion of gas into star particles. The peak Σ values as seen in the top-down projections are 1250 and 317 g cm −2 in the nSF and SF runs, respectively. Similarly, the peak gas density is n H = 8.4 × 10 8 cm −3 and n H = 4.1 × 10 8 cm −3 in these runs. Figure 2 shows the mass-averaged mean densities, n H , (assuming n He = 0.1n H ) and temperatures, T , of the nSF and SF runs at 4 Myr. The GMC-like structures have densities 100 cm −3 , and are often, but not always, embedded in relatively dense HI structures with n H ∼ 10 cm −3 and temperatures of ∼ 100-1000 K. There are some cases, e.g., the GMC containing filament b, where the dense molecular gas is moving into relatively low-density, warmer gas. We note that since ionizing photon, stellar wind and supernova feedback are not included, the global density and thermal structure of this simulated ISM lacks the hot phase component and underrepresents the warm phase components.
The total gas mass in Run nSF is 1.67 × 10 7 M ⊙ , while it falls by ∼ 10% to 1.50 × 10 7 M ⊙ in Run nSF after 4 Myr due to star formation activity. As a consequence the mass in star particles grows to 1.67 × 10 6 M ⊙ , composed of 1.82 ×10 5 particles, resulting in a mean star particle mass of 19.2 M ⊙ . This means that, contrary to Paper I, not all star particles are formed stochastically at the minimum mass level. In fact, only a small percentage, 1.5%, has the minimum star particle mass of 10 M ⊙ . The maximum star particle mass in our simulation is 289 M ⊙ . The average star formation rate per unit area during the 4.0 Myr of the simulation is 0.76 Figure 3 , we compare the SFR time evolution of Run SF to those of the 0.5 pc resolution runs including star formation with a density threshold of n H = 10 5 cm −3 and a minimum star particle mass of 100 M ⊙ (equivalent to the simulations of Paper I, but also investigating the effect of the use of the Zeus rather than the Godunov solver). In all cases the evolution is characterized by an onset of star formation after ∼ 1 Myr, rising to a peak at ∼ 2 − 3 Myr, followed by a gradual decline. This evolution should be viewed as a response to the initial conditions of the simulation set-up, where dense, self-gravitating gas clouds are released synchronously at t = 0 and allowed to collapse to high densities to form stars. After an initial burst of star formation, the rate is seen to decline by factors of about 5 after 10 Myr. The choice of hydrodynamics solver is seen to make a ∼ 10 − 20% difference to the SFR, with the additional heating introduced by the Zeus solver reducing the SFR and delaying its onset and peak. The higher resolution of Run SF, which involves a higher threshold density for star formation, leads to increased and more time variable SFRs compared to the lower resolution run that also uses the Zeus solver.
Similar to the results of Paper I, the overall SFRs per unit area are much higher, by factors of ∼ 100, than in observed galaxies (e.g., Bigiel et al. 2008 ), most likely due to effects of magnetic fields and/or feedback from newly formed stars that are present in real galaxies, but lacking in these simulations. The quantitative effect of magnetic fields for the same simulation set-up as Paper I is being investigated by Van Loo et al. (in prep.) . 
FILAMENT STRUCTURE, KINEMATICS AND DYNAMICS

Filament Selection and Bulk Environmental Properties
We select a sample of four large filaments, a -d, from the simulated GMCs at 4.0 Myr from the SF run for a detailed study of their structure, kinematics and dynamics. These filaments are chosen to sample a variety of environments and star formation activities. Filaments a, b and d are still undergoing fragmentation and collapse and have a lower level of star formation (it is expected to increase as they continue to collapse), while Filament c is forming stars actively. The average mass in these 50-pc-scale filament regions is 10 5 M ⊙ (see Table 1 ). While this is similar to the typical mass of a massive Galactic GMC, note that these selected regions are just small parts of much larger and more massive molecular clouds/complexes.
Mass surface density maps, with in-plane and top-down views, of the 50 pc-cubed regions containing the filaments are shown in Figure 4 . The detailed structure of various degrees of fragmentation in the filaments can be seen, along with the structure of surrounding, more diffuse gas. The filaments tend to lie in directions parallel to the galactic plane, with filament c showing the largest deviation from an in-plane orientation. Figure 4 also shows the division of the filaments into ten "strips" (to be used for quantitative analysis of filament properties, below), each of 5 pc width along the filament (chosen to be x-direction for filament a; y-direction for b, c, d) and 10 pc length perpendicular to the filament in each of the two directions of this orthogonal plane. The central positions of the strips in this plane are allowed to vary in order to track the filament, with the position located by first centering on the center of mass through the whole 50 pc region as viewed in the Σ projections, and then re-centering on the center of mass within that strip. The volume densities, n H , mass-averaged through the 50 pc filament regions, are shown in Figure 5 . A wide range of densities, from ∼ 10 −1 to ∼ 10 7 cm −3 are present. Note that, lacking wind, ionization and supernova feedback, these simulations create this range of densities purely via gravitational collapse, diffuse FUV heating and shocks resulting from GMC motions and interactions.
The mass-average mean simulation-frame velocities of the material in the 50 pc regions are typically ∼ 20 km/s (see Table 1 ). The local velocity fields with respect to these region velocities are also shown in Figure 5 , with typical values of ∼ 10 km/s. Some large-scale converging flows are seen around the dense gas structures, together with other more disordered flows.
The mass-weighted temperatures of the gas along the various sight lines of the regions are shown in Figure 6 . Again a wide range of values are present, with the densest gas able to cool to 10 K and low density regions reaching ∼ 10 4 K from heating from the diffuse FUV radiation field and much higher temperatures (∼ 5 × 10 6 K) from shocks, with speeds of ∼10 to 30 km/s. The probability distribution function (PDF) of mass surface density (or equivalently column density) can provide useful insight into the processes governing a cloud's structure. Kainulainen et al. (2009) showed that clouds undergoing star formation have wider column density PDFs, including a power law tail of high column densities, while non-starforming clouds have narrower distributions, better fit by a single log-normal function. The formation of PDF power law tails has been interpreted as being due to evolution of a separate self-gravitating component of the clouds that are undergoing free-fall collapse (e.g., Kritsuk et al. 2011; Ballesteros-Paredes et al. 2011) . In this case the development of such PDF tails would mark the onset of star formation.
For each of the four filament regions in the SF run, we construct the mass-weighted Σ PDF for the 50-pc cube as viewed in each of the three orthogonal axes, x, y, z, and these are presented as the blue lines in Figure 7 . A fair amount of structure can be present in the PDFs at all Σ values, which we expect is partly a consequence of the global cloud structure that happens to be within the defined region. At the high Σ end of the distributions, power-law tails are often present, but can show variation in their properties depending on the viewing angle. We also zoom into a 25-pc cube, centered on the center of mass of the regions, and show the Σ PDFs of these regions (red lines in Figure 7 ). The differences compared to the 50-pc cube regions illustrate the effect that the boundary region definition has on the PDF, including the normalization level of the power law tails, which rise as one zooms in on the denser region.
Observationally, Σ PDFs can be measured in a number of ways, including via sub-mm dust emission (which requires also knowing the temperature structure of the clouds and dust emissivity properties per unit total mass) and via NIR or MIR extinction (which requires knowing dust opacities per unit total mass, but not cloud temperatures). In Figure 7 we show the Σ PDF of IRDC C from the BT09 sample (G028.37+00.07) as measured in the study of Butler et al. (2014) . This is one of the most massive and highest column density IRDCs known in the Galaxy. The PDF has been measured in a region that is designed to be complete for A V 3 mag (i.e., Σ 0.015 g cm −2 ), extending about 20 ′ on a side (i.e., about 29 pc at the IRDC distance of 5 kpc). Note that the MIR extinction mapping technique has an upper limit of Σ that it is able to probe, corresponding to ∼ 0.6 g cm −2 . This region can be probed by sub-mm emission studies (e.g., Battersby et al. 2011; Schneider et al. 2014 ), but these results are dependent on the accuracy of the derived dust temperature and assumed emissivity properties, and they also have lower spatial resolution compared to the MIR extinction maps.
Allowing for the inability of the MIR extinction map to probe to very high Σ values, the overall comparison is quite favorable. However, it should be noted that IRDC C is one of the more extreme examples known, while the filament regions selected in the simulation are quite moderate examples of dense regions. More typical IRDCs, selected from the BT12 sample, have been studied by Kainulainen & Tan (2013) , and these have relatively smaller amounts of gas at higher Σ values. The GMCs and nearby star-forming regions studied by Kainulainen et al. (2009) a All quantities corresponding to the 50-pc region are listed first, with the 25-pc region value in brackets. The central positions of the regions are shown in the 2nd column (chosen by eye for the 50-pc scale; the 25-pc region is centered on the center of mass of the 50-pc region). The 3rd and 4th columns show the total enclosed masses of gas (Mg ) and stars (M * ). Then, for each filament, the upper row shows volume or area-weighted quantities and the lower row shows mass-weighted quantities (indicated by, e.g.,f Σ1 ) . In the 5th and 6th columns are the fractions of the regions with Σ > 0.1 and 1 g cm −2 , respectively, as viewed along the x, y, z axes. The 7th and 8th columns show the mean velocities and velocity dispersions, respectively.
b Only this region has formed stars, with a total mass of 731 M ⊙ . Mass surface density PDFs of the inner 25 x 25 x 25 pc cube (red) and 50 x 50 x 50 pc cube (blue) calculated from the density projection along the z-axis are shown as solid lines, along the y-axis as dotted lines, and along the x-axis as dashed lines. Also plotted is the MIR+NIR extinction mapping PDF for Cloud C (BTK13, black solid line). The region affected by the saturation limit, i.e., where Σ > Σsat = 0.6 g cm −2 , is indicated.
are > 100 g cm −2 , much higher than have been seen via mm dust emission in IRDCs or star-forming clouds. We evaluate the area and mass fractions of the PDFs that are > 0.1 g cm −2 and > 1 g cm −2 and list the results in Table 1 . There can be a large variation depending on orientation, i.e., if the viewing direction is perpendicular or parallel to the main axis of the filament. Again these values appear to be relatively high compared to observed IRDCs (e.g., KT13, BTK14), although care must be taken to account for the completeness limit of the observed Σ distribution.
Filament Structure
We study filament properties by defining 10 individual slab regions (10 pc×10 pc×5 pc) that appear as strips in projection (10 pc×5 pc) along each filament. These are iteratively centered on the center of mass within their 10 pc by 10 pc extent in the plane perpendicular to the main filament axis. Choosing a 10 pc width for the slabs/strips is a somewhat arbitrary choice. We therefore also assess inner filament regions of 5 pc width and 5 pc depth (again iteratively re-centered on the center of mass within their extent). These outer and inner filament regions are shown in Figure 4 . We also define a "dense" filament as the material inside the inner filament with n H ≥ 10 3 cm −3 . The mean total filament mass within the 10 pc wide strips is 2.01 × 10 5 M ⊙ : note most of the 50-pc region masses are contained within these defined filament regions. We also define "envelope" regions that extend half the strip width on either side of the filament strips (i.e., 5 pc for the outer filaments and 2.5 pc for the inner filaments). They have the same depth as the filaments, i.e., 10 and 5 pc for outer and inner cases, respectively. So with their 5 pc extent along the filament axis, this gives these total envelope region an equal volume as the filament. We define the envelope region of the dense filament as the material inside the inner filament with n H < 10 3 cm −3 . We calculate physical properties in these filament and envelope regions, which are listed in Table 4 .2.3. These include volume-averaged densities, which have mean values of n H,f = (3.46, 4.26) × 10 3 cm −3 for the outer and inner filaments, respectively. Their envelope regions have mean densities n H,e = (0.0414, 0.449) × 10 3 cm −3 , illustrating the decreasing, although still substantial, density contrast as we zoom into the inner filament regions.
Longitudinal Structure
The mass per unit length, m l , profiles of the filaments are shown in Figure 8 . Typical median values are ∼ 10 3.5 M ⊙ pc −1 (about 10 3 M ⊙ pc −1 in filament b), but with large fluctuations due to the formation of dense clumps within the filaments. Thus we also measure the dispersion in m l , assessed both at the finest resolution available in the simulation and on the 1 pc scales over the entire 50 pc length of the filaments, and report the values in along a 3.8 pc length and ∼ 1 pc wide region of IRDC H from the BT09 sample (G035.30-00.33) (note this region is part of a longer filamentary structure). Dividing the filament into four strips, these showed dispersion of about 25% in their values of Σ. The Orion A filament, studied by Bally et al. (1987) , extends over about 13 pc with a similar value of m l ≃ 400 M ⊙ pc −1 . Longer filaments have been identified and studied by Jackson et al. (2010) , and Ragan et al. (2014) . Jackson et al. (2010) identified an 80 pc long filament ("Nessie") with typical values of m l ∼ 500 M ⊙ pc −1 , estimated assuming virial equilibrium. foundd another 80-pc-long filament, identified in 13 CO and with mass ∼ 10 5 M ⊙ and m l ∼ 10 3 M ⊙ pc −1 . Ragan et al. (2014) studied seven filaments with typical length ∼ 100 pc and average m l ≃ 100 M ⊙ pc −1 . Comparison of these observed filament properties with those from our simulation, indicates that the simulated filaments have much larger values of mass per unit length, by factors of about several to ten. A systematic and quantitative study of the dispersion in m l remains to be carried out for the observed filaments, but initial indications, e.g., from the Hernandez et al. (2012) study, suggest the observed filaments have much smaller dispersions in m l than our simulated filaments.
Filament Fragmentation
The peaks in m l correspond to dense clumps that appear to have formed by fragmentation of the filament. In gravitationally bound filaments, clumps are predicted to form by fragmentation at roughly regular intervals, caused by the so-called sausage-like fluid instability (e.g., Stodolkiewicz 1964 , Nagasawa 1987 Inutsuka & Miyama 1991) In our simulated clouds, a large number of dense clumps are observed to form along the filaments at what appear to be roughly regular intervals, especially in filaments b and c.
The ability of the simulation to properly resolve fragmentation can be assessed by reference to the Truelove et al. 1/2 = 0.92(c th /0.2km s −1 )(n H /10 3 cm −3 ) −1/2 pc. Thus with our maxiumum resolution of 0.122 pc, we are able to resolve fragmentation down to a level when λ J = 0.49 pc, i.e., densities of about n H ∼ 3500 cm −3 for sound speeds of 0.2 km/s. This is a relatively low density compared to the clump material defined in Paper I at a density threshold of 10 5 cm −3 . Note that the TT09 simulation imposed an effective temperature floor of 300 K, corresponding to an effective sound speed of 1.8 km/s, to mimic effects of microturbulence. The actual fragmentation of the GMCs and filaments involves gas that is quickly cooling from a few hundred K down towards 10 K, but with the structures also buffeted by turbulent motions (with speeds from 110 km/s) imparted from the cloud bulk motions and their gravitational collapse. Given such conditions, we cannot be confident that the actual fragmentation we see in the simulation is free of numerical artifacts, and so the following properties of the spacing of the clumps should be treated with caution. Comparing the 0.5-pc resolution simulations with the 0.1-pc resolution ones, we do identify most of the same clumps forming in the same locations, with the fragmentation of only a few of smaller clumps unresolved. However, given the above considerations, we cannot be fully confident that the actual fragmentation we see in the simulation is free of numerical artifacts, and so the following properties of the spacing of the clumps should be treated with caution.
To investigate clump spacing quantitatively, we identify clumps using the clump-finding routine of Smith et al. (2008) that is within the yt software package (Turk et al. 2011 ). This routine identifies topologically connected structures using a recursive contouring algorithm, given a density range and density increment. One can also specify a minimum number of contiguous cells to be considered a clump. We set this threshold to 50 cells. We choose a density increment of one order of magnitude in n H , ranging from n H = 10 5 cm −3 to n H = 10 8 cm −3 , near the maximum density reached by our simulation. The routine identifies 7, 11, 11 and 5 clumps in filaments a-d, respectively. The 3D distance between each clump center and the nearest clump along the filament is calculated. The mean separations in each filament are 5. 30, 5.26, 5.87, and 7 .84 pc with dispersions of 3.42, 3.27, 4.29, and 4.56 pc for filaments a-d, respectively. We find a mean separation for all clumps of 5.54 pc, with dispersion of 3.60 pc.
Note that the number and properties of the clumps are sensitive to the choice of threshold density and the required minimum number of cells. Considering filament c, if the density threshold is raised and lowered by a factor of two, then the number of clumps changes from 11 to 9 and 15, respectively. If the minimum required number of cells is raised/lowered by a factor of two, then the number of clumps changes from 11 to 9 and 15, respectively.
Fragmentation at regular intervals has been seen in large filamentary IRDCs. For example, Jackson et al. (2010) find a fairly regular spacing of ∼ 4.5 pc between individual dense clumps. While this qualitative agreement is noteworthy, given the numerical difficulties of properly resolving fragmentation and the sensitivity of results to clump identification method parameters, we cannot draw any firm conclusion from this result. Still, the fragmentation spacing we observe in the simulation serves as a point of comparison for future numerical studies that achieve higher resolution and that include magnetic fields.
Lateral Structure
The width of filaments in the ISM can provide insight into the conditions from which they formed. Arzoumanian et al. (2011) found a characteristic width of ∼ 0.1 pc for a sample of 27 filaments in the Herschel Gould Belt Survey toward the IC 5146 molecular cloud, suggesting that the dissipation of large-scale turbulence to leave thermallydominated structures may have played an important role in the filaments' formation. It remains to be established if such a common scale of filament width is relevant to more massive IRDCs, although inspection of the BT12 maps of 10 IRDCs, suggests there is a range of widths, extending to larger values.
Our simulated filaments, with minimum resolution of about 0.1 pc, are not well-resolved enough to measure scales of filament width down to the level claimed by Arzoumanian et al. (2011) . For each of the 10 pc-wide and deep strips covering our simulated filaments, the mean Σ profiles are calculated perpendicular to the filament axis and displayed in Figure 9 . As can be seen from this figure and also from Figure 4 , a variety of profiles are present. The peak Σ values range from ∼ 0.1 to greater than 1 g cm −2 , averaged over the 5-pc-wide extent of the strip regions. Multiple peaks can be present, sometimes due to multiple diffuse sub-filaments (e.g., a1, a2, a3) or multiple clumps (e.g., a4). The peaks are often dominated by the presence of a single clump and the overall profile can be affected by how clumps happen to be distributed in these strip regions (e.g., c2).
In Figure 9 we also show the lateral Σ profiles of strips from IRDC filaments F and H that were defined by Hernandez & Tan (2011), but using the latest combined MIR+NIR extinction maps of Kainulainen & Tan (2013) . One notices that the peak Σ values are smaller in the observed filaments, but a range of widths are present that is similar to some of the peaks shown by the simulated filaments. The four strips of IRDC H show relatively similar lateral profiles, while IRDC F shows a wider variety, more similar to the simulated filaments.
For a more quantitative comparison we evaluate the mass-weighted "rms lateral width," w rms , i.e., the rms displacement of filament strip material from its center of mass in the lateral direction. On scales of the 5 pc-wide strips extending 10 pc laterally, the simulated filaments have average (± dispersion) rms lateral widths of 1.40 ± 0.264 pc, 1.78 ± 0.475 pc, 1.38 ± 0.572 pc and 1.55 ± 0.385 pc for a-d, respectively. On scales of 1 pc-wide strips the rms lateral widths are 1.06 ± 0.302 pc, 1.46 ± 0.718 pc, 0.951 ± 0.575 pc and 1.39 ± 0.451 pc. Note this is the rms width of material within ±5 pc of the center of mass of each strip.
We also calculate this width for the IRDCs F and H using the strips defined in Hernandez et al. (2011) strips, which have widths of ∼ 7.5 pc and ∼ 3.1 pc,respectively. For IRDC F, we find rms lateral widths of 0.719 ± 0.517 pc, and for IRDC H we find 0.409 ± 0.317 pc. We also consider the ±5 pc scale, finding similar widths of 0.657 ± 0.482 pc and 0.406 ± 0.290 pc for IRDCs F and H, respectively. These are factors of a few smaller than the simulated filament at the 1 pc-wide strip scale. These results, including for individual strips and for inner and dense filaments, are also listed in Table 4 .2.3. a The 2nd column shows the center of mass of the 10-pc-scale filaments. From the 3rd column onwards, in each column all quantities are listed in order of the "outer" (10-pc-wide), "inner" (5-pc-wide) and "dense" (inner filament where n H > 10 3 cm −3 ) filaments. The 3rd column lists gas mass, Mg . The 4th column lists mass per unit length in the filaments, m f , while the 5th column lists its dispersion, σm f (note the values for individual strips are based on the structure seen at the finest ∼ 0.1 pc scale, while those for the whole filaments are based on 50 × 1-pc-wide regions. The 6th and 7th columns list mean volume densities in the filament and envelope regions. The 8th column lists rms lateral widths. , where the position coordinate has been chosen to be along the main axis of the filament, i.e., x-direction for a and y-direction for b-d. The top row shows all the gas in the 50 pc 3 regions. For clarity of highlighting kinematic structures, each simulation cell is marked by a simple dot (thus the AMR gridding appears as vertical stripes). The second row shows only the material in the filament strips, with outer (10-pc-wide) strips in black and inner (5-pc-wide) strips in red. The third row shows material on near side of the outer filament in red and the far side in blue. The fourth, fifth, sixth and seventh rows show only gas at n H > 10 2 , 10 3 , 10 4 , and 10 5 cm −3 , respectively.
Filament and Clump Kinematics
We show the position-velocity (p-v) diagrams for Filaments a-d in Figure 10 , with the position coordinate ranging along the 50-pc length of the main filament axis and the velocity being the line of sight velocity if viewing this filament in the Galactic plane. The figure first shows these diagrams for all the gas in the 50-pc 3 regions. A variety of gas distributions are seen (note that to highlight individual kinematic features, independent of density, each simulation cell -4.19, -4.20, -7.76 3.45, 3.42, 0.149 0.160, 0.223, -0.249 7.21, 7.25, 7.37 3.00, 3.01, 2.87 6.64, 6.68, 6.84 -5.50, -5.64, -8.13 0.410, 0.717, 0.853 -8.40, -8.77, -6.37 6.39, 6.51, 6.49 7.31, 7.12, 6.47 8.68, 8.62, 8 0880, 0.121, 0.181 6.63, 6.71, 5.98 5.77, 5.75, 4.31 5.80, 5.98, 6.18 4.61, 3.98, 6.58 3.17, 4.62, 6.54 1.41, 6.71, 1.76 0.299, 0.273, 0.317 -2.58, -1.55, -1.66 d8 -2.40, -2.79, -0.260 -1.13, -1.61, 0.513 -0.0670,-0.00390, 0.474 5.77, 5.85, 4.22 7.05, 7.33, 4.88 2.09, 2.17, 1.99 5.77, 4.21, 6.31 4.46, 3.77, 8.37 1.90, 5.85, 1.81 0.124, 0.0993 0.144 -1.62, -0.919, -0.849 d9 -0.306, -0.235, -1.22 1.39, 1.44, -3.81 0.0831, 0.140, 0.522 6.55, 6.76, 6.45 5.90, 5.98, 5.07 6.10, 6.42, 6.58 3.42, 3.86, 7.02 4.74, 4.87, 7.60 1.42, 6.76, 1.87 0.353, 0.297, 0.309 -3.18, -1.38, -1.73 d10 -4.65, -6.30, -5.34 -2.48, -4.81, -3.74 -0.345, -6.01, 0.217 4.94, 4.74, 3.56 6.53, 6.89, 4.83 2.19, 2.45, 2.66 4.07, 3.94, 6.11 4.86, 4.66, 9.33 1.69, 4.74, 1.81 0.190, 0.125, 0.154 -1.50, -0.343, -0.422 a Mass-weighted mean velocities is plotted with an equally-weighted dot). Some regions, e.g., a, c and d, show a very broad distribution of velocities, extending over ranges of ∼30 km/s or more. Filament b has a narrower range. Within each region, more coherent structures can be seen in p-v space, including those that correspond to the identified filaments, which are distinguished in the second row of the figure (outer filament in black, inner in red). However, again, there is a variety of velocity structures exhibited by the different filaments, with a, c and d again being more disordered. This is consistent with the velocity fields shown in Figure 5 .
The third row shows the near side of the outer filament strips in red and the far side in blue. Thus if we were seeing infall to the filament, we would expect the near side, red material to be at larger, red-shifted velocities than the far side, blue material. This trend is seen in some regions of all the filaments, although is perhaps less evident in b. To more clearly illustrate such effects, in Figures 11, 12 , 13 and 14 we also show the velocity histograms (equivalent to optically thin spectra of an idealized tracer of material at all densities) of the outer, inner and dense filaments in the 10 strips, also separating near and far-side material. The disordered kinematics, i.e., different velocity distributions between near and far sides, are evident in many cases. However, caution is needed when trying to interpret blue-shifted far side material as signature of diffuse infall onto a filament, as such signatures can also arise from discrete clumps (that may also be infalling).
Finally, in Figure 10 we also separately show the material at n H > 10 2 , 10 3 , 10 4 , 10 5 cm −3 , i.e., eventually isolating the clumps that contain the dense material that is forming or will form stars. A striking feature of many of these clumps is the large velocity dispersions, which can be significantly greater than 10 km/s. The dynamical properties of the clumps are discussed below in §4.4.
As mentioned, the line of sight velocity distributions (i.e., optically thin spectra) are calculated and shown in Figures 11, 12 , 13 and 14 for the individual strips of filaments a to d. The spectra for outer, inner and dense filaments are shown, including separation of near and far sides (for the dense filament case, the same boundaries for near and far are used as in the inner filament case, but only showing gas above n H > 10 3 cm −3 ). We utilize these spectra to evaluate the mass-weighted mean line of sight velocities in the strips. These values for the 10 strips in each filament are then use to measure the best-fit global (50-pc scale) velocity gradient, weighting the data point from each strip equally (see Table 4 ). These values are ∼ 0.1 to 0.2km s −1 pc −1 , and do not vary much going from outer to inner to dense filament structures. On the 5-pc scales from strip to strip centers we also have 9 measurements of velocity gradients, which have averages of 0.446±0.134, 0.135±0.0923, 0.553±0.446, 0.358±0.312 km s −1 pc −1 for the outer filaments a-d, respectively (reported in the 10th row for each filament in Table 4 ). Here the uncertainty measurement indicates the dispersion in the values. Similar results are seen for the inner and dense filament cases. The above results indicate that on scales ∼ 5 pc (similar to the clump to clump separation scales) the velocity gradients are several times larger than when averaged over 50-pc scales.
The observed Galactic ∼ 100-pc-scale filaments have global velocity gradients that are very small. Jackson et al. (2010) find dv/dl < 0.09 km s −1 pc −1 in "Nessie", find dv/dr < 0.05 km s −1 pc −1 in their 80-pc long cloud, and Ragan et al. (2014) measure dv/dr ≃ 0.06 km s −1 pc −1 as an average of the 7 filaments in their sample. On smaller scales, there have been some reported measurments of velocity gradients within IRDCs. For example, Henshaw et al. (2014) find global velocity gradients of 0.08, 0.07, 0.30 km s −1 pc −1 in several sub-filaments in IRDC H measured on ∼2 parsec scales based on centroid velocities of the dense gas tracer N 2 H + (1 − 0). Larger local gradients ∼ 1.5 − 2.5 km s −1 pc −1 can be present on sub-parsec scales. The simulated filament b comes closest to matching the above observed values, while a, c and d have 50-pc scale gradients that are several times larger. More detailed comparison, e.g., of gradients on smaller 10 pc scales is warranted, but this initial study indicates that our simulated filaments have much more disturbed kinematics on large 10 pc scales than the observed Galactic long filaments.
Filament and Clump Dynamics
The simulated filaments have formed by large-scale collapse of self-gravitating "GMCs," in which collapse is unable to be resisted by magnetic fields or local feedback from star formation. Some resistance to collapse is provided by the turbulent and shearing motions present in and around the clouds due to their galactic environment. By 4 Myr after the beginning of the simulation, the four filaments that we have chosen for analysis are in various stages of collapse and fragmentation. Here we assess their dynamical state, i.e., how close are they to virial equilibrium?
We carry out a filamentary virial analysis for each filament strip following Fiege & Pudritz (2000) , who derived the following equation satisfied by pressure-confined, nonrotating, self-gravitating, filamentary (i.e., lengths ≫ widths) clouds that are in virial equilibrium: Here, P e is the external envelope pressure at the filament surface, P f = ρ f σ 2 f is the average total pressure in the filament, m f is the filament mass per unit length, m vir ≡ 2σ 2 f /G is the filament virial mass per unit length, M f is the magnetic energy per unit length and W f = −m 2 f G is the gravitational energy per unit length. For each filament strip, for the cases of outer, inner and dense filament regions, we measure the mass-weighted 1D velocity dispersion in the direction of observation that is in the galactic plane and orthogonal to the filament main axis. These values are listed in Table 3 , along with the dispersions measured in other directions. The velocity dispersions are supersonic, with Mach numbers of about 20 for gas that is cooled to about 10 K. Note, that the z-direction velocity dispersions are similar in size to those in directions in the Galactic plane (unlike GMC motions), indicating that approximately isotropic support may be possible from these turbulent motions.
We also measure the velocity dispersions in the surrounding envelope regions, which, together with the density of these regions allows us to assess the turbulent pressure that acts as a surface term, P e = ρ e σ 2 e , affecting the virial equilibrium of the filaments. Here we choose to measure the volume-averaged density in the envelope region and the mass-weighted velocity dispersion, which is comparable to the quantities derived observationally for density (from extinction maps) and velocity dispersion from 13 CO and C 18 O spectra (e.g., Hernandez & Tan 2011; Hernandez et al. 2012) . We discuss, below, the effects of these choices on our results.
In Figure 15 , we compare the simulated filament strips with the non-magnetic (M f = 0) form of equation 2. For each strip we show the outer, inner and dense filament results connected by a line. In general, the filaments have 0.1 m f /m vir 1, but this is not typically due to higher envelope pressure. Thus, most filament strip regions appear to not yet be virialized, having very disordered kinematics due to infall motions and motions associated with dense, spheroidal clumps that have already fragmented from the filament, discussed below. Only in a few regions of filaments b (outer) and d (dense) are conditions closer to filamentary virial equilbrium. Note, filament b's inner region is highly fragmented into clumps and so when defining the envelope material around the "dense" filament material, we derive relatively low values leading to values of P e /P f much lower than expected by filamentary virial equilbrium. Filament d, being relatively less fragmented into clumps, shows inner regions conditions that are closer to virial equilibrium.
Here we examine more quantitatively how fragmentation of filaments into clumps that are themselves approximately virialized can lead to small values of m f /m vir for the filament. Consider the case when a fraction, ǫ cl , of the filament strip mass, M , has condensed into a virialized clump of radius R cl and velocity dispersion σ cl , which is given by σ 2 cl = Gǫ cl M/(5R cl ) (note, corrections for ellipticity and central concentration of the clump are typically modest, BM92). The velocity dispersion expected from the filamentary virial theorem is given by σ 2 f = Gm f /2 = GM/(2L), where L is the length of the strip, i.e., 5 pc in the cases considered here. Then,
and so with σ 
If ǫ cl 5R cl /(2L), then the total velocity dispersion begins to increase above that expected from the filamentary virial theorem. We will see below that identified clumps have typical radii of ∼ 0.5 pc, so then the critical efficiency for increasing velocity dispersion is ≃ 0.25(R cl /0.5 pc). For example, strip a7, which has a relatively small value of m f /m vir ≃ 0.25, has a 5 × 10 4 M ⊙ clump, so that ǫ cl ≃ 0.8. It has a radus of about 0.7 pc and a mean velocity dispersion in the y direction of 11 km s −1 (it has a virial parameter of α vir =2.0). The total velocity dispersion for the a7 strip is 10.2 km s −1 . However, with its mass per unit length of 1.28 × 10 4 M ⊙ pc −1 , one would expect a virialized velocity dispersion of only 5.2 km s −1 . This difference is explained by the clump-boosting factor for velocity dispersion squared predicted by equation 4 of about 2.0, i.e., a factor of 1.4 for the velocity dispersion. Since the clump itself is moderately super-virial, then this explains why the actual velocity dispersion increase is larger. So when placing the a7 strip on the Fiege-Pudritz diagram, we expect m l /m vir to be ≃ 0.25. Similarly, the dominance within the filament strip of spheroidal clump dynamics causes a very low value of P e /P f . Given the difficulties of resolving clumps and their fragmentation from the filament, we have focused mostly on filament dynamics for comparison of simulation results with observations. However, for completeness, here we give a brief assessment of the dynamical state of the identified clumps. For each of the clumps identified by the threshold density of 10 5 cm −3 , we measure the mass in the cells, the mass-weighted velocity dispersion about the center of mass velocity, and the mean half-mass radius, R 1/2 , in each of the x, y and z directions, and the average value. We then evaluate the virial parameter, α vir = 5σ 2 R 1/2 /(GM 1/2 ) (BM92) at this half-mass scale. The results are summarized in Table 5 .
The clumps tend to have virial parameters ≃ 1, and almost always < 2, indicating they are gravitationally bound and perhaps moderately supervirial (although a contribution from surface pressure would also raise the virialized value of α vir above unity). We conclude that these clump structures are much closer to virial equilibrium than their parental filaments, which is to be expected given their much shorter dynamical times.
DISCUSSION AND CONCLUSIONS
We have continued the study begun in Van Loo et al. (2013) , following the evolution of a kiloparsec-scale patch of a galactic disk extracted from a global disk simulation down to ∼ 0.1 pc resolution. We have followed collapse for 4 Myr, which is ample time for the formation of dense filaments and clumps from the initial GMCs and, in the run allowing star formation, for significant star formation activity.
The main goal has been to study the detailed structural, kinematic and dynamical properties of filamentary clouds that are in relatively early stages of collapse at t = 4 Myr. Even in the run where star formation is allowed (above the threshold density of n H = 10 6 cm −3 ), almost no star formation has yet occurred in our sample of filaments. These properties have been compared to those of observed filamentary IRDCs, which are also thought to be in a relatively early stage of collapse and star formation. Note, IRDCs are thus thought to be relatively unaffected by internal feedback from star formation, simplifying the comparison of simulation with observation by avoiding having to simulate star formation feedback, which requires much high resolution or more uncertain sub-grid models.
Our main conclusion is that the simulated filaments, which are forming from global collapse of gravitationally unstable GMCs mediated by galactic shear driven turbulence, show significant differences from observed IRDCs. The filaments and their surrounding 50-pc scale regions often have dense gas mass fractions, e.g., at Σ > 1 g cm −2 that are larger than even the most extreme IRDCs. The simulated filaments show large dispersions in their mass per unit lengths, caused by their fragmentation into dense clumps. The simulated filaments have more disordered kinematics, including velocity gradients as measured on 50 and 5 pc length scales. These more disordered kinematics equate to larger velocity dispersions than expected of virialized filaments. 
